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Abstract
The heliosphere is the bubble formed by the solar wind as it interacts with the interstellar medium (ISM). The
collimation of the heliosheath (HS) ﬂows by the solar magnetic ﬁeld in the heliotail into distinct north and south
columns (jets) is seen in recent global simulations of the heliosphere. However, there is disagreement between the
models about how far downtail the two-lobe feature persists and whether the ambient ISM penetrates into the
region between the two lobes. Magnetohydrodynamic simulations show that these heliospheric jets become
unstable as they move down the heliotail and drive large-scale turbulence. However, the mechanism that produces
this turbulence had not been identiﬁed. Here we show that the driver of the turbulence is the Rayleigh–Taylor (RT)
instability produced by the interaction of neutral H atoms streaming from the ISM with the ionized matter in the
HS. The drag between the neutral and ionized matter acts as an effective gravity, which causes an RT instability to
develop along the axis of the HS magnetic ﬁeld. A density gradient exists perpendicular to this axis due to the
conﬁnement of the solar wind by the solar magnetic ﬁeld. The characteristic timescale of the instability depends on
the neutral H density in the ISM and for typical values the growth rate is ∼3 years. The instability destroys the
coherence of the heliospheric jets and magnetic reconnection ensues, allowing ISM material to penetrate the
heliospheric tail. Signatures of this instability should be observable in Energetic Neutral Atom maps from future
missions such as the Interstellar Mapping and Acceleration Probe (IMAP). The turbulence driven by the instability
is macroscopic and potentially has important implications for particle acceleration.
Uniﬁed Astronomy Thesaurus concepts: Solar wind (1534); Solar wind termination (1535); Heliosheath (710);
Interstellar medium (847); Interstellar medium wind (848)
instabilities, allowing the jets to evolve into a complex
turbulent outﬂow with macroscales that are hundreds of
astronomical units in size. The scale of this turbulence dwarfs
that which develops elsewhere in the heliosphere. While it has
been suggested that the kink instability was the driver of the
turbulence (Begelman 1998) initiated by plasma jets, there has
been no deﬁnitive exploration of jet instabilities in partially
ionized ﬂows nor an exploration of the impact of this
turbulence on particle energization. The goal of the present
paper is to establish the driver of heliospheric jet instabilities.
We carry out a variety of simulations, including several with
zero ﬂow velocity in the ISM, to identify the driving
mechanism.
We ﬁrst establish that the kink instability is not the driving
mechanism, ﬁnding that the heliospheric jets are stable to the
kink instability. Kink or sausage instabilities in jets are
stabilized if there is a sufﬁciently strong axial ﬁeld. Previous
works studied stability of an azimuthal magnetic ﬁeld
(Robert 1956; Parker 1974), concluding that kink or sausage
instabilities were at play when the axial ﬁeld was weak. In
particular, previous works studying the heliospheric tail
(Yu 1974) ascribe the turbulence seen in simulations (Opher
et al. 2015; Pogorelov et al. 2015) to kink instabilities. This
was also the explanation offered by Opher et al. (2015) based

1. Introduction
Until a few years ago the shape of the heliosphere was
thought to be comet-like with a tail extending to thousands of
astronomical units (Parker 1961; Zank et al. 2013). Currently,
there is an active debate, propelled by recent modeling and
observations, about the shape and structure of the heliospheric
tail (Parker 1961; McComas et al. 2013; Zank et al. 2013;
Opher et al. 2015, 2020; Dialynas et al. 2017; Schwadron &
Bzowski 2018). Models show that the charged solar wind ﬂows
in the heliosheath (HS) ﬂows are collimated by the solar
magnetic ﬁeld into distinct north and south jets (Opher et al.
2015; Pogorelov et al. 2015; Izmodenov & Alexashov 2015;
Kornbleuth et al. 2021). However, the models disagree on how
far downtail the two-lobe feature persists and whether the
ambient interstellar medium (ISM) can penetrate into the region
between the two lobes.
Astrophysical jets are prone to instabilities such as kink or
pinch modes (Begelman 1998). Global simulations of the
heliosphere have revealed that the heliospheric jets also drive
Original content from this work may be used under the terms
of the Creative Commons Attribution 4.0 licence. Any further
distribution of this work must maintain attribution to the author(s) and the title
of the work, journal citation and DOI.
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Figure 1. Stable heliosphere: no ISM neutrals and no ISM ﬂow. The interstellar magnetic ﬁeld (BISM) is in the z direction to suppress the KHI and the model is run for
526 yr. Only one-half of the meridional plane is shown. (A) Magnetic ﬁeld; (B) speed; (C) density.

on studies like Begelman (1998) of cases of weak axial ﬁelds in
astrophysical jets. However, it is also known that shear ﬂows
can stabilize the kink modes (e.g., Shumlak & Hartman 1995).
We show that the magnetic ﬁeld structure of the heliospheric
jets has a speed shear that stabilizes the jets for kink or sausage
instabilities.
We show that the driver of the turbulence is the Rayleigh–
Taylor (RT) instability caused by the interaction of neutral H
atoms streaming from the ISM with the ionized matter in the
HS. The drag between the neutral and ionized matter acts as an
effective gravity that causes an RT instability to develop along
the axis of the HS magnetic ﬁeld. A density gradient exists
perpendicular to this axis due to the conﬁnement of the solar
wind by the solar magnetic ﬁeld. The characteristic timescale of
the instability depends on the neutral H density in the ISM and
for typical values the growth rate is ∼3 yr.
In Section 2 we introduce the numerical model used for the
simulations. Section 3 discusses the simulations that determined that the kink instability is not viable but that the
instability is RT-like. In Section 4 we present the derivation for
the growth rate of the instability in the HS. Finally, in Section 5
we discuss the consequences of this instability for turbulence in
the ISM, acceleration of particles, and in the debate over the
shape of the heliosphere.

We cover all regions of interest with a high grid resolution
and run time-dependent cases for hundreds of years of
simulated time. For comparison, it takes 1 yr for the solar
wind to reach the termination shock (TS; ∼100 au) at a velocity
of 400 km s−1. In the HS, the ﬂow speed is ∼50 km s−1 and it
takes ∼40 yr to traverse the heliosphere, ∼400 au. The
coordinate system is such that the z-axis is parallel to the solar
rotation axis, the x-axis is oriented such that the interstellar ﬂow
is in the x–z plane and pointing 5° upward of the x-axis and the
y-axis completes the right-handed coordinate system.
For all models presented in the paper the parameters of the
solar wind at the inner boundary at 30 au are the same as used in
Opher et al. (2015): vSW = 417 km s−1, nSW = 8.74 × 10−3 cm−3,
TSW = 1.087 × 105 K (OMNI solar data; http://omniweb.gsfc.
nasa.gov/). The magnetic ﬁeld is given by the Parker spiral
magnetic ﬁeld (Parker 1958) with BSW = 7.17 × 10−3 nT at the
equator (as in Equation (1) in Opher et al. 2016). We use a
monopole conﬁguration for the solar magnetic ﬁeld. This
description, while capturing the topology of the ﬁeld lines, does
not capture the change in polarity with solar cycle or across the
heliospheric current sheet. This choice, however, minimizes
artiﬁcial reconnection effects, especially in the heliospheric current
sheet. We assume that the magnetic axis is aligned with the solar
rotation axis. The solar wind ﬂow at the inner boundary is
assumed to be spherically symmetric.
ISM conditions vary between the ﬁgures: Figure 1: vISM = 0,
nISM = 0.06 cm−3, and TISM = 6519 K, and no neutral streaming. The strength of the BISM in the model is 4.4 μG = 0.44 nT
in the z direction, parallel to the axis of rotation of the Sun to
stabilize KHIs. The simulation was run to 526 yr. Figure 2:
same ISM conditions as in Figure 1 but including neutral
hydrogen atoms in the ISM with number density
nH = 0.18 cm−3; the neutral temperature is the same as that
of the interstellar plasma. The speed of the neutral H atoms was
set to 26.4 km s−1 in the x direction. Figure 3: all cases use the
same ISM conditions as in Figure 2 but with different number
densities of hydrogen atoms in the ISM. The temperature of the
neutral H atoms is the same as for the interstellar plasma. The
speed of the neutral H atoms was set to 26.4 km s−1 in the x
direction in all cases. For panels (A) and (E): nH = 0.36 cm−3,
panels (B) and (F) same as in Figure 3; panels (C) and (G)

2. Numerical Model
The computational model has a single ionized component
and four neutral components as in Opher et al. (2015). The cold
thermal solar wind and hot pickup ions (PUIs) are treated as a
single species (Zank 1999; Opher et al. 2015). The neutral H
component is captured with a four-ﬂuid approximation
(Zank 1999; Opher et al. 2009). In all simulations we use the
same inner boundary conditions. We set the interstellar
magnetic ﬁeld (BISM) in the z direction to suppress the
Kelvin–Helmholtz instability (KHI). This orientation is the
simplest one to stabilize KHI at the HP outer boundary and
study the instability (RT instability), which is in a different
location along the jet’s axis. This orientation is also favorable
because it minimizes reconnection at the HP between the ISM
and solar magnetic ﬁeld since the solar magnetic ﬁeld is mostly
azimuthal.
2
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Figure 2. Development of the RT instability . Same model as Figure 1, with no ISM plasma ﬂow but with streaming neutrals in the ISM with nH = 0.18 cm−3. The
plots show how the instability evolves with time at (A) 2.48; (B) 9.59; (C) 24.6; (D) 27.9; (E) 31.0; (F) 34.2; (G) 37.4; (H) 40.6; and (I) 41.7 yr. Charge exchange
between the neutral H and ions is turned on between panels (A) and (B). The meridional cuts show the intensity of the magnetic ﬁeld. The instability develops along
the axis of the heliospheric jets (blue color).

nH = 0.09 cm−3 and panels (D) and (H) nH = 0.045 cm−3.
Figure 4: This case uses realistic ISM conditions; vISM =
26.4 km s−1, nISM = 0.06 cm−3, and TISM = 6519 K. The number
density of hydrogen atoms in the ISM is nH = 0.18 cm−3 and the
velocity and temperature are the same as for the interstellar
plasma. BISM was not included to avoid reconnection. The
model was run to 648 yr with no charge exchange between
the neutral H and the ionized component. At 648 yr

charge exchange was turned on and the model was run to
1346 yr.
For the model and cases presented in Figures 1–3 the
computational domain extends to ±3000 au, in the x, y, and z
directions. The smallest grid cell size is 1.47 au inside
x = y = ±105 au and z = ±608 au and the coarsest grid has
187.5 au resolution near the outer boundaries. For Figure 4, the
computational domain extends to ±3000 au in the x, y, and z
3
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Figure 3. The dependence of the instability on neutral H density. Magnetic ﬁeld (top row) and plasma density (bottom row) are shown at t = 41 yr for simulations
with various ISM neutral H densities.

Figure 4. Instability in the case with vism nonzero and with BISM = 0. This case includes the heliosphere moving through the ISM but with no BISM ﬁeld to avoid
reconnection. Panels (A)–(D) show the magnetic ﬁeld in meridional cuts. (A) is at t0 = 648 yr when the charge exchange between the neutrals H and ionized
component is turned on. Panels (B)–(D) are 32, 48, and 1346 yr later than (A), respectively. Panels (E)–(H) show density for the same times. This case (as model 1 in
Zank et al. 2013) has a bow shock. Because of charge exchange with hot solar wind (subsonic and supersonic) created neutrals, the medium ahead of the HP is heated,
moving the bow shock from closer to the HP (panel (E)) to larger distances (panel (H)). Panels (D), (H) show the ﬁnal state of the fully turbulent jets.

and for z = ±608 au and a coarser grid of 93.75 au is used near
the outer boundaries. This case resolved the entire heliosphere
with high grid resolution, including the heliospheric tail.

directions. The increased grid size was needed to capture the
bow shock. This case is similar to Model 1 in Zank et al.
(2013). The smallest grid is 0.37 au near the inner boundary
4
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Figure 5. (A) Meridional cut showing the ﬂows along the axis (at x = 0), Uz for the model presented in Figure 1; (B) the ﬂows Uz and Alfvén speed vA along the cut
shown in panel (A).

(Florinski et al. 2005; Avinash et al. 2014) expanded the
analysis to include the stabilizing effect of hot HS neutrals. The
predicted RT growth timescale was ∼3 yr at the HP for typical
values of the ISM and HS plasma when no interstellar magnetic
ﬁeld (BISM) was present. When BISM is included in the models
the RT instability at the HP is less unstable and the growth
timescale is (Avinash et al. 2014) 50–100 yr with wavelength
scales ∼40 au.
In Section 4, we revisit the RT instability, examining two
classical cases: a single interface between high and low density
ﬂuids that is the analog of the HP; and a high-density ﬂuid slab
surrounded by low density ﬂuid that is the analog of the
situation along the axis of the heliospheric jets. The RT
instability in ﬂuids can be derived analytically considering a
sharp interface between two ﬂuids with densities ρ1 and ρ2
(Choudhuri 1998; see Figure 6). At the HP, the jump in density
is ρ1 ∼ 10ρ2; ρ1 being the ISM density and ρ2 the density in the
HS. For the case with no magnetic ﬁeld all wavelengths are
unstable. The growth rate (Liewer et al. 1996; Florinski et al.
2005), which is the inverse of the growth timescale, is
g = * kg*(r1 - r 2 ) (r 2 + r1) , where k is the wavenumber
and g is the effective gravity (see Equation (7)). At the HP, the
growth rate g ~ kg* because ρ1 ? ρ2. The HP in our case is
not unstable because of the presence of the interstellar magnetic
ﬁeld. The inclusion of a magnetic ﬁeld B0 parallel to the
interface B = (0, 0, B0) (Figure 6) modiﬁes Equation (7) by

3. Instability
In the absence of neutral H streaming, the heliospheric jets
are stable (Figure 1), so the kink instability is not active. Even
if the ionized ISM is streaming, when there were no neutrals
the jets were stable (see Figure 4(A)). Shear ﬂows can stabilize
kink instabilities (Shumlak & Hartman 1995). For strong
enough shear dvz/dr > 0.1kvA, where vz are the ﬂows along the
direction of the jet axis, vA is the Alfvén speed, and r is the
distance from the axis toward the edges of the jets, the kink
modes can be stabilized. The ﬂows along the direction of the
axis of the jet vz are not uniform across the heliospheric jet.
Drake et al. (2015) point out that the speed increases from
V0 = Vs (sound speed) along the jet to v0 = vs2 + vA2 near the
edges. Figure 5 presents a meridional cut from the model run in
Figure 1 with no neutrals where the heliospheric jets were
stable, showing the contour plot of vz as well as the cut along a
particular height. There is a substantial velocity shear from the
axis of the heliospheric jets toward the edges. The ﬂows are
comparable to the Alfvén speed (given that Pram/Pmag < 1 in
the heliospheric jets) so stability is possible due to these
shear ﬂows.
When streaming of neutral H is included (Figure 2), an
instability develops along the axis of the heliospheric jets. Due
to charge exchange between the neutral H atoms and the
plasma, even if there were no initial plasma motion in the ISM,
a wind forms in the neutral ﬂow direction that bends the
heliospheric magnetic jets tailward. The instability is shown by
the blue color where the magnetic ﬁeld intensity is close
to zero.
This instability is the equivalent of the RT instability, ﬁrst
proposed to occur along the heliopause (HP; Liewer et al. 1996;
Zank et al. 1996; Zank 1999) due to the effective gravity
produced by neutral atoms charge exchanging with and
therefore dragging the plasma ions (Figure 6). Later works

, which helps stabilizes
(
)
the conﬁguration. This stabilization occurs because work is
2

adding an additional term - m

0

k 2B02
r1 + r2

expended by the ﬂuid in bending the ﬁeld lines. Because the
ﬁeld-line bending is proportional to k2, the stabilizing effect is
stronger for short wavelength modes. Along the heliospheric
jets the magnetic ﬁeld is ∼0 and there is no stabilization due to
magnetic ﬁelds.
5
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Figure 6. Cartoons of (A) ideal situation of a heavier ﬂuid “1” sitting atop of* a lighter ﬂuid “2” with “gravity g” directed perpendicular to the interface; (B) RT at the
HP: the streaming of neutrals from the ISM acts as an effective gravity g between the dense ISM and the lighter ﬂuid in the HS; (C) RT along the axis of the
heliospheric jets in the situation where there is no motion through the ISM. The streaming of neutrals perpendicular to the axis of the heliospheric jets acts as an
effective gravity between the denser ﬂuid at the center of the jet (in orange), in the HS compared to the lighter ﬂuid surrounding it. (D) Cartoon of RT in slab geometry.
In isolation, the left density jump “L” would be stable to RT, while the right interface “R” would be unstable.

The conﬁnement of the heliospheric ﬂow by the solar
magnetic ﬁeld creates a proﬁle of the plasma thermal pressure
and density that drops from near the jet axis toward the edges
of the heliospheric jets (Drake et al. 2015). The presence of
neutral drag adds an additional effect. Due to charge exchange
between the neutral H atoms and the plasma, even if there were
no initial plasma motion in the ISM, a wind forms in the neutral
ﬂow direction that bends the heliospheric magnetic jets
tailward. This increased pressure affects the density proﬁle in
the HS. The charge exchange depends on density and in turn, it
will affect the density gradient as well in the HS. As one can
see in the realistic case (Figure 4(E)), initially there is no
density gradient along the axis of the jets. As soon as the
interaction with neutrals is turned on, a large density gradient
forms along the axis of the heliospheric jet (Figure 7), where
along refers to the location of the gradient where the direction
is actually perpendicular to the axis.
To understand the RT instability for the heliospheric
jets, one needs to generalize the RT instability HP for a case
where the increase in density occurs between two surrounding
regions of lower density (Figure 6(D)). The growth rate
for a slab of width A with high-density ρ1, between two
surrounding regions of lower density ρ2 (Equation (18)) is

We perform the analysis at the time when the initial transients
propagated away after the charge exchange is turned on and it
is easier to identify the wavelength λ ∼ 67 au (the distance
between two peaks of the perturbations; for example, see
Figures 2(H) and (I), λ was estimated as the distance between
the two ﬁrst peaks along the heliospheric jet where the
heliospheric jet before the onset of the instability is best
captured by the ﬁt R0 in Figure 8.
We currently do not have an explanation for why this
particular wavelength is seen in the simulation. Figure 7 shows
cuts of the case of nH = 0.18 cm−3 (Figure 3) representative of
neutral density in the HS. Along the axis of the heliospheric jets
the ﬂuid is heavier than the surrounding ﬂuids with a jump of
ρ1 ∼ 3.25ρ2 (Figure 7), the width of the jet A ∼ 40 au and the
2p
kA
wavenumber k ~ 67 au = 0.094 au-1 so Tk ~ tanh 2 ~ 0.95
and gJet ~ 0.73 kg* . The effective gravitational acceleration
g* = nCN Dv , where Δv = vH − vp and nCN = snH U * is the
charge-exchange frequency (see Section 4). We approximate
Δv ≈ vH = 25 km s−1 since we are evaluating the growth rate
along the direction of the streaming of neutrals and the HS
ﬂows are mostly perpendicular to the neutral ﬂows. We use a
charge-exchange cross section (Lindsay & Stebbings 2005)
σ = 2.46 × 10−15 cm2 with U* = 200 km s−1 and nH is varied.
Table 1 presents the calculated growth rates for different
ISM densities nH compared to the values derived from the
MHD model runs (Figure 8). To evaluate the model growth
rates, we measure the perpendicular distance from the
equilibrium position of the axis of the heliospheric jets (shown
in red, Figure 8) as a function of time. The axis of the jet R0 is
deﬁned as where B = 0 (shown in red, Figure 8). We only
measured the axis displacement at early times when the growth

T (r - r ) 2

g 2 = kg* (r + rk T1)(r T2 + r ) where Tk = tanh kA
. This growth
2
1
2 k
1 k
2
rate is smaller than the growth rate for a single density jump
because the jumps on the stable and unstable sides compete
with each other.
To ascertain that the instability is in fact an RT instability ,
we ran the same model as in Figure 2 but varied the density of
the neutrals in the pristine ISM. As nH is increased from
0.045–0.36 cm−3 the instability becomes stronger (Figure 2).

6
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A

Figure 7. Top panels (A)–(C) show three different cuts for Figure 3(F) at t = 41 yr. These density proﬁles are representative of the density proﬁle in the HS after the
initial transients propagate away after the charge exchange is turned on. Bottom panels present the 1D cuts along the white lines. The estimated width of the half peak
intensity for these cuts is on average 40 au.

direction of the neutral inﬂow) and exhibit a cos(j) dependence
for other directions (and there would be no instability for phi
outside the [− π/2, + π/2] interval). The planar case, however,
assumes perpendicular inﬂow throughout, therefore the growth
rate thus derived is actually an upper bound. A more realistic
estimate might contain a reduction factor (2/π) ∼ 0.64 (the
average of cosine over said interval). In addition, the density
enhancement is not as sharp as a an abrupt rise. The exploration
of these issues should be done in a future study.
Additionally, we ran a simpliﬁed model to conﬁrm the
presence of the instability. Figure 9 shows a run with only the
neutrals components produced in the ISM, populations 1 and 4,
with the HS and supersonic solar wind neutrals not included.
The instability is still present for this simpliﬁed two ﬂuids case
(ionized and neutrals in the ISM).
We showed conclusively that the instability is driven by the
neutral drag due to the charge exchange. The instability shows
quantitative and qualitative similarities to the classical RT
instability, but there are several differences. The high-density
ﬂuid is limited to the cylindrical jet and the density proﬁle is
not a sharp jump, which limits the growth rate at short
wavelengths (Chakraborty 1975). In addition, the plasma is
ﬂowing along the jet and the plasma compressibility also plays
some role. In light of these differences, the agreement between
the growth rate in the simulation and the theoretical values
shown in Table 1 seems very reasonable.

Table 1
Calculated Growth Rate for Different ISM Densities Compared to the Values
Derived from the MHD Model Runs
nH (cm−3)

γ (Theory) (yr−1)

γ (MHD) (yr−1)

0.09

0.19

0.298

0.18

0.27

0.421

0.36

0.38

0.595

was still close to linear. Panels (E)–(G) show log(R − R0)
versus (t − t0) for each case. Panel (H) shows the growth rate as
a function of nH; the modeled values are in blue and the
theoretical values expected from Equation (21) in red. A
power-law ﬁt to the modeled values yields g = 0.63 (nH0.5) with
χ2 = 0.985 (dashed blue line), very close to the theoretical
values g = 0.99 (nH0.5) (ﬁlled red line). The agreement between
theory and model is very good given the approximations.
One caveat is that in order to simplify the math in the
derivation of the growth rate, Equation (18), the high-density
region is assumed to be a plane-parallel slice rather than a thin
cylinder. Since the growth rate scales with the neutral velocity
component that is perpendicular to the interface, the (real)
cylinder case would see this maximum value only at a single
location (j = 0° in a cylindrical coordinate system based on the
7
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Figure 8. Growth rate for different neutral H densities. Panels (A)–(D) show the case for nH = 0.18 cm−3; for t − t0 = (A) 3.87; (B) 5.52; (C) 7.14, and (D) 9.77 yr.
The red line is R0, the ﬁt to the axis of the heliospheric jet before the onset of the instability. Panels (E), (F), (G) show the displacement from the median line indicated
by the red arrow in panel (B); log (R − R0 ) vs. t − t0 with ﬁt in red; (E) for nH = 0.36 cm−3; γ = 0.61 yr−1 (with χ2 = 0.95); (F) for nH = 0.18 cm−3; γ = 0.42 yr−1
(with χ2 = 0.96); (G) for nH = 0.09 cm−3; γ = 0.33 yr−1 (with χ2 = 0.92); Panel (H) shows the growth rate with nH; the modeled values in blue; the theoretical
expected values from Equation (22) in red. t0 is the time that allow us to determine the equilibrium position for the axis of the heliospheric jet after the interaction
between neutrals and ions are turned on. For nH = 0.09 cm−3, it is 24.6 yr, for nH = 0.18 cm−3, 20.2 yr, for nH = 0.36 cm−3, 26.1 yr.

uniform ﬂuid
perturbation so
Considering
Equation (1) is

Next, we show a realistic case including the heliosphere motion
through the ISM. We ran a simulation with no BISM to avoid
reconnection at the HP (see Section 4). Initially, charge exchange
between the neutral H and plasma was switched off and the
heliosphere was stable with a long heliospheric tail (Figure 4(A)).
As soon as charge exchange was switched on at 648 yr, the RT
instability developed along the axis of the heliospheric jet
(Figure 4(B), (F)). The turbulence generated by the instability
causes the weak ﬁeld between the two lobes to break up, allowing
the ISM plasma to enter into the region between the two lobes.
The details of that process will be studied in a future work.
Panels (D), (H) show the ﬁnal state of the fully turbulent jets.
This case (as model 1 in Zank et al. 2013 has a bow shock.
Because of charge exchange with hot solar wind (subsonic and
supersonic) created neutrals, the medium ahead of the HP is
heated, moving the bow shock from closer to the HP to larger
distances.

d 2z x
- k 2z x = 0,
dx 2

(2 )

where r (x ) = r1 (ρ2) in x < 0 (x > 0).
This equation has the solutions
z x = z+e-kx + z-e kx

(3 )

with ζ+ ≠ 0 for x > 0 and ζ− ≠ 0 for x < 0, with ζ+ = 0 for
x < 0 and ζ− = 0 for x > 0. Away from the boundary where the
ambient density gradient is zero the equation for the
displacement is a simple homogeneous Laplace equation. The
solution must be bounded away from the sharp boundary.
Thus, the solutions are the two exponentials.
At x ≈ 0,

4. Description of the RT Instability at a Single Density
Interface: Applicable to the Heliopause
The RT instability in ﬂuids can be derived considering an
interface between two ﬂuids with densities ρ1 and ρ2 (see
Figure 6). Suppose a high-density ﬂuid ρ1 is adjacent to a lower
*
density ﬂuid ρ2 in a gravitational ﬁeld with acceleration g .
The equation for a sharp discontinuity with the gravity
pointing in the x direction is
d ⎛ dz x ⎞
k 2 dr
r
- k 2rz x = - ⎛ ⎞ g* z x.
dx ⎝ dx ⎠
⎝ w ⎠ dx

of density ρ and considering only small
only the ﬁrst order terms are kept.
a single discontinuity at x = 0; at x ≠ 0
written as

d ⎛ dz x ⎞
k 2 dr
r
= - ⎛ ⎞ g* z x.
dx ⎝ dx ⎠
⎝ w ⎠ dx

(4 )

Taking γ2 = − ω2 as the square of growth rate;
d ⎛ dz x ⎞
k 2 dr
r
= 2 g* z x.
dx ⎝ dx ⎠
g
dx

(1 )

(5 )

Making sure that ζx as a function of x is continuous;

This equation is derived from the continuity and momentum
equations (Choudhuri 1998) considering a displacement ζ in a

d

r dx z x

8


-

2

k
= (r 2 + r1) z x = g* g 2 (r 2 - r1) z x

(6 )
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A

Figure 9. Same as Figure 1, but for a model run that includes only the plasma only neutrals produced in the ISM, populations 1 and 4 (the HS neutrals are absent).
Panels (A)–(B) show the magnetic ﬁeld in meridional cuts. (A) is at t0 = 526 yr when the charge exchange between the neutrals H and ionized component is turned on.
Panel (B) shows t = 567 yr. Panels (C), (D) show density for the same times.

and the growth rate is
r - r2
g2 = 1
kg*.
r1 + r 2

species of neutrals that come from the ISM. Florinski et al.
(2005) explored the effect of including the HS neutrals in the
RT at the HP. Our numerical MHD model presented here also
vp must ﬂow
includes the HS neutrals. The ion bulk velocity 
parallel to the density interface, so the perpendicular component of the gravity that induces the RT instability simpliﬁes to
g* = nCN vN . The collision frequency nCN = snH U *, where σ
is the charge-exchange cross section, nH is the neutral density

(7 )

The neutral-ion drag acts as an effective gravity
¾

g* = nCN (
vN - 
vp ) where nCN is the charge-exchange
vp is
collision frequency, 
vN is the bulk neutral velocity and 
the bulk ion velocity. We will consider here only the dominant
9
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()
4

(wN2 + wp2 ) + (DU )2 is the effective velocity
and U * =
p
difference that includes ΔU = UN − Up is the relative speed
between protons p and neutrals N and the thermal speeds wN
and wP for the two species.
At the HP ρ1 is the ISM density, ρ2 is the HS plasma density
and ρ1 ∼ 10ρ2. The growth rate from Equation (7)
9
isg ~ 11 kg* ~ kg* .

r

Deﬁning R º r2 and
1
can be written as

⎜

⎜

=  kg*(r1 - r 2)
S

A

( )

2

(9 )

g 2 = kg*

Taking γ = − ω as the square of the growth rate;

= g*

g2

( r 2 - r 1 ) z +,
k
( r 1 - r 2 ) z +,
g2

(10)

(11)

d
zx
dx

- A2 + 
- A2 - 

k2
(r1 - r 2 ) zg2

r2
,
r1

and

kA
2

 1 we

(21)

1
1+

2 r2
kA r1

.

The simulations here were done with a multi-ﬂuid treatment
of neutral H. Ideally, neutral H atoms should be treated
kinetically. Our previous work (Michael et al. 2021) included
the kinetic treatment of neutrals in a steady state simulation and
also showed the presence of the instability. A fully kinetic
time-dependent treatment, which includes the change of the
solar wind conditions over the solar cycle, should be done to
fully characterize the evolution of the instability.

kA

= g*

(20)

.

5. Discussion and Conclusions
(12)

where Ck = cosh 2 and Sk = sinh 2 .
At “L” edge; x = − A/2, integrating:
r



)

1

( )

kA

kA
2

kA
2

kA r1 - r 2
.
2
r1 r 2

g 2 = kg*

r 2 z+ + r1zC Sk + r1z S Ck = g*

( )

(

r1 r 2 + r1

Note that this growth rate is smaller than the single interface
case (Equation (7)) because the high-density slab is thin
compared to the wavelength. The decrease scales like 4 k 3A .
kA
Another limiting case is when 2  1 and the density jump
r2
satisﬁes r  1. In this case

Making sure the ζx as a function of x is continuous; at “R”
edge; x = + A/2, integrating:

A -
2

r1 - r 2

In the limit of very large wavelength,
get

2

d
r zx
dx

(18)

kA

kA
g 2 = kg*
2

At an interface, from Equation (1) the second term on the left
is small compared to the ﬁrst on the right and

k2

Tk
(r1 + r 2 Tk )(r1Tk + r 2 )

This is the same as the growth rate of a single jump
(Equation (7)).
r
kA
kA
In the limit of 2  1  r1 , Tk @ 2 , and

kA
kA
V- = VC cosh ⎛ ⎞ - V S sinh ⎛ ⎞.
⎝ 2 ⎠
⎝ 2 ⎠

A +
2

(17)

where Tk = Ck = tanh 2 . Note that negative sign corresponds
k
to oscillating solutions.
kA
In the limit of 2  1, Tk ≈ 1, and
r - r2
g2 =  1
(19)
kg*.
r1 + r 2

(8 )

d ⎛ dz x ⎞
k 2 dr
r
= 2 g* z x.
dx ⎝ dx ⎠
g
dx

1
Ck Sk.
g 4

This can be easily solved. The square of the growth rate is
r - r2
g 2 = g 2kg* 1
r1

For x > A/2 the perturbation; V x = V+e-k (x - 2 ) ; and for
A
x < −A/2 V x = V-e k (x + 2 ) and for −A/2 < x < A/2, we take
V x = VC cosh (kx ) + VS sinh (kx ). One needs to make sure that
ςx is continuous across x = ± A/2, so
kA
kA
V+ = VC cosh 2 + VS sinh 2 and

2

⎟

(Ck + RSk )(Sk + RCk ) =

2

d ⎛ dz x ⎞
k 2 dr
r
= - ⎛ ⎞ g* z x.
dx ⎝ dx ⎠
⎝ w ⎠ dx

(15)

⎟

1
z S Ck - zC Sk = ⎛ 2 + R⎞ (z c Ck - z S Sk ).
(16)
⎝ g
⎠
Adding and subtracting Equations (15) and (16) we derive
the dispersion relation:

For the case of the heliospheric jets, one needs to generalize
the RT instability or a case where the increase in density occurs
between two surrounding regions of lower density (Figure 6).
Based on the simple RT calculation, one expects that one of the
interfaces is stable (“L”) and the other one is unstable (“R”),
however we need to investigate the stability of the slab as a
whole.
Consider a slab of high-density ρ1 of a width A (Figure 6(D))
between two regions of lower density ρ2. (Of course this is an
approximation since the region of enhanced density is
cylindrical while here we treat it as a planar 2D slab.) The
equation for a sharp boundary Equation (1) is

( )

kg* r1 - r2
g2
r1

1
z S Ck + zC Sk = ⎛ 2 - R⎞ (z c Ck + z S Sk )
⎝ g
⎠

4.1. RT Instability for Two Density Jumps: Applicable to the
Heliospheric Jets

d ⎛ dz x ⎞
k
dr
r
- k 2rz x = - ⎛ ⎞ g* z x.
dx ⎝ dx ⎠
⎝ w ⎠ dx

k
(r1 - r 2 ) z+.
(14)
g2
1
º g 2 Equations (12) and (14)

- r 2 z- - r1zC Sk + r1z S Ck = g*

(13)
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Figure 10. Nodules of high density. The same simulation as in Figure 4 at t = 1346 yr. The HP is shown as a yellow surface deﬁned by the temperature isosurface at
T = 85,000 K that captures the closed solar ﬁeld lines. The white lines are ISM streamlines that pierce the heliospheric tail. The red structures are nodules of high
density formed along the heliospheric jet axes as a result of the RT instability . They are deﬁned as isosurfaces of density of 0.019 cm−3.

The model used in this paper was based on a single ﬂuid
plasma approximation (i.e., the cold thermal plasma and hot
PUIs were considered as one ﬂuid). More advanced models
such as the one that we used in the past (Opher et al. 2020) that
separate the cold solar wind from the hot PUI ions and treat the
neutrals in a kinetic fashion (Michael et al. 2021) are much
more computationally challenging and will be explored in the
future. A two-ﬂuid model treatment might affect the evolution
of the instability, although the instability was also seen using
this more advanced model (Opher et al. 2020).
The study of the stability of the heliospheric jets under
variable solar cycle conditions is left for future work but we
expect that the conclusions reached here will be valid since the
solar magnetic ﬁeld does not vary signiﬁcantly with the solar
cycle and the conditions of Pram/Pmag < 1 will still be valid.
The broader implication is that the RT-like instability found
here is the main driver of the instabilities in jets where the ram
pressure is comparable to the magnetic pressure.
The turbulence triggered by the RT instability is macroscopic and has potentially important implications for particle
acceleration. The expected acceleration of ions driven by the
turbulence will be calculated in future studies by the extension
of models such as kglobal (Drake et al. 2019; Arnold et al.
2021) that include self-consistently the interaction between
electrons and ions with large-scale dynamics of plasmas
turbulence.
As discussed in the introduction there is currently an open
debate about whether the heliosphere is comet-like with a long
tail or croissant-like with a shorter tail. The collimation of the
solar wind by the solar magnetic ﬁeld in the heliotail into distinct
north and south columns is seen in both models that are cometlike (Izmodenov & Alexashov 2015; Pogorelov et al. 2015) and
croissant-like (Opher et al. 2015) shape. There is disagreement
between models if the ISM stream between the two columns or
not (e.g., the most recent study of Kornbleuth et al. 2021).

The RT instability along the jets seems to be the responsible
for opening the heliospheric tail. The turbulence generated by
the instability causes the weak ﬁeld between the two lobes to
break up, allowing the ISM plasma to enter into the region
between the two lobes. The details of that process will be
studied in future work. This result therefore explains why
models (Izmodenov & Alexashov 2015) that maintain a
perfectly ideal HP and do not allow exchange of solar plasma
with that of the ISM show conﬁnement by the solar magnetic
ﬁeld with a long comet-like tail.
The mixing of solar material with the ISM via this
mechanism is important, it may provide a general process
whereby stellar material may be mixed into a partially ionized
local ISM.
There have been several recent studies of turbulence in the
HS and ISM. The HS plasma and magnetic ﬁeld were shown to
be highly variable on scales as small as 10 minutes (Richardson
& Burlaga 2013). These studies report compressive ﬂuctuations
in the HS at times with different distributions depending on
whether Voyager was in or out of the sector region (Gaussian
in the unipolar and log-normal in the sector region) (Burlaga &
Ness 2009; Burlaga et al. 2021). Other studies reported that
compressible modes in the HS were anisotropic (Fraternale
et al. 2019). The studies of the turbulence in the ISM
immediately ahead of the heliosphere (Burlaga et al. 2018;
Fraternale et al. 2019) report a turbulence spectra that is
different than that expected in the pristine ISM, being
inﬂuenced by the heliosphere. The RT generated turbulence
should be analyzed in future studies and compared with the
above studies, although the data from Voyager 1 and 2 are from
near the nose direction while the RT generated turbulence
described here is toward the tail.
The signatures of large-scale RT turbulence in Energetic
Neutral Atom (ENA) maps should be explored as well.
Figure 10 shows that high-density nodules form near the axis
11
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of the heliospheric jets when the turbulence is fully developed.
The nodules are large in size and will vary with time as the RT
instability evolves. The formation and evolution of the nodules
will be a subject of a future paper. We expect that high
resolution ENA maps from future missions such as IMAP
(McComas et al. 2018) would be able to detect these nodules.
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